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Figure 4. The same as in Figure 3, but for TOI-942 b.

substellar line), the stellar wind does not affect the atmo-
spheric mass loss rate (the same happens for planet c). The
compression of the interacting winds increases the density of
the flow between ∼ 20Rpl, where the speed drops, and the
point where two flows meet (Figure 5, top left panel). The
temperature grows gradually along the substellar line from
∼ 20Rpl outwards and reaches the value of ∼ 0.3 MK, which
is lower than the stellar wind temperature of 1.3 MK due
to the stretched interaction region and the strong planetary
outflow moving it towards the left boundary.

For the young planet TOI-942 b, the picture is very
different. The dense and fast stellar wind compresses the
atmosphere significantly, which is clearly seen in Figure 4,
and the two flows meet around the L1 point of the planet at
∼ 6Rpl. The shock is well pronounced and localized within
4.2-10 Rpl in the direction towards the star. At the radial
distance of 4.2-6 Rpl, due to the compression, the velocity of
the planetary outflow decreases steeply from 32 to about 1
km s−1 (the flow becomes subsonic), the density of the flow
increases from 1.5 × 10−16 g cm−3 to 4.1 × 10−16 g cm−3,
and the temperature of the flow grows about 3 times from
5300 to 16000 K (see the left column of Figure 5). From the
side of the stellar wind, the same occurs: the speed of the
wind drops from 750 to 1 km s−1, and thus the temperature
of the shock increases to as high as ∼ 9 MK. Beyond 10 Rpl,
the modelling domain is fully filled with stellar material, as
clearly seen in Figure 5 by almost constant utot, T , and ρ (in
the ideal case of the isothermal wind the temperature would

be constant, but in our case the adiabatic index is taken as
5/3 and it decreases by ∼ 105 K between 10 and 40 Rpl).

This interaction between stellar and planetary winds
pushes the planetary material towards the tail of the plane-
tary outflow and thus creates a lot of perturbations, and so
the sonic surfaces become complex. We can distinguish two
dominant structures: the sonic surface surrounding the sub-
sonic region around the planet (close to the planet surface
in the stellar direction and stretched in the tail direction to
about 20 Rpl), and the subsonic region at the compression
shock. These two structures remain rather stable, while the
two “flank” subsonic regions in the tail part of the flow are
affected by the perturbations in the tail and change their
position with a period of ∼ 1000 simulation steps, as we
mentioned at the beginning of this section.

The atmospheric mass-loss rate from the planets in the
young system TOI-942 changes with the inclusion of the
stellar wind: it has a negligible growth from 5.05 × 1011 to
5.1 × 1011 g s−1 in the case of planet b, and grows from
2.2× 1011 to 3.2× 1011 g s−1 for planet c. This is likely due
to the fast stellar wind pushing planetary material towards
the tail and accelerating/dragging away the material on the
flanks. However, these changes are insignificant in terms of
planetary atmospheric evolution.

Due to the extreme XUV irradiation, the atmospheric
material of younger planets is highly ionized. The ion frac-
tion increases steeply with distance: if for TOI-421 b the
atmosphere becomes fully ionized around the L1 point in
the stellar direction, for TOI-942 b it occurs already at
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Formation of structures: An unavoidable consequence of the interaction of planets and the local environment

Kubyshkina et al. (2021)

T. Matsakos et al.: Star–planet interactions

Fig. 5. Initial conditions in the lab frame for model FVRB. The axes are
in units of 0.01 AU. Logarithmic density contours (in units of g cm�3)
are shown in the x-y plane (z = 0; left panel) and in the x-z plane (y = 0;
right panels). The top right panel is focused on the star and the bottom
right on the planet. Solid lines represent the magnetic field, arrows show
the velocity field (with the longest one corresponding to ⇠290 km s�1),
dashed lines the poloidal Alfvén surface (v2x + v2z = (B2

x + B2
z )/4⇡⇢), and

dotted lines the poloidal sonic surface (v2x + v2z = �P/⇢). The cross in the
bottom right panel denotes the location of the L1 point.

are located (left and top right panels). A close-up of the region
near the planet is shown in the bottom right panel. We note that
both the stellar and the planetary winds are super-Alfvénic and
supersonic at the initial interface between them (a sphere of ra-
dius 10R�, centered on the planet).

At the beginning of the simulation, the plasma escaping from
the surface of each object forces the magnetosphere to open. In
general, depending on the strength of the magnetic field and the
physical conditions at the base of the wind, this might happen
over the entire surface (for a weaker field and/or a stronger out-
flow) or just at the polar regions (for a stronger field and/or
a weaker outflow). For the adopted value of the stellar sur-
face magnetic field (B⇤ = 2 G), the star forms a dead zone for
⇡/4 . ✓ . 3⇡/4. In this region, the hot plasma cannot overcome
the opposing forces of stellar gravity and magnetic tension, both
of which are almost perpendicular to the flow. The behavior of
the planetary magnetosphere will be discussed on a case by case
basis: its structure depends both on B� and the planetary wind
properties and on its environment.

3.3. Models exhibiting a planetary tail

Figure 6 shows the final steady state of model fvRb. This case
corresponds to a low UV flux, and the planetary outflow is weak
and cannot overcome the ram pressure of the stellar wind (pro-
jected along the orbit). The stellar wind is stopped by the mag-
netic pressure of the planet’s closed field lines (which exceeds
the thermal pressure above the planet’s surface), terminating in a
bow shock that stands o� a few planetary radii from the planet’s
surface. The magnetosphere is dragged backward by the stellar
wind, forming a cometary-type tail. This process is akin to the
formation of the geomagnetic tail in the interaction of the so-
lar wind with Earth’s magnetosphere (e.g., Ness 1965). The tail
does not follow the trajectory of the planet since it is continu-
ously pushed away radially by the stellar wind, resulting in a
tilted structure.

Figure 7 illustrates how the structure of the tail is modified
when the model parameters are changed. The left panel shows
the results for model fvRB, which has the same parameters as
model fvRb (Fig. 6) except that the planetary magnetic field is a

Fig. 6. Logarthimic density (color contours in units of g cm�3), veloc-
ity (arrows), magnetic field (solid lines), critical surfaces (dotted line:
sonic, dashed line: Alfvén), and the L1 point (cross) for the final steady
state of model fvRb. Distances are measured in units of 0.01 AU. The
panels are arranged as in Fig. 5, with the left and top right panels cen-
tered on the star, and the bottom right one on the planet.

Fig. 7. Same as the left panel of Fig. 6, but for models fvRB (left) and
FVRb (right).

factor of 10 stronger, corresponding to an increase by a factor
of 100 in the magnetic pressure at a given distance from the
planet. As expected, this results in the bow shock being located
farther away from the planetary surface, which, in turn, gives
rise to a wider tail. The right panel presents the final state for
model FVRb, which corresponds to a higher UV flux (which pro-
motes an outflow) but also a larger escape speed (which hinders
a wind). Overall, its behavior is very similar to that of model
fvRb, although the tail in this case is noticeably denser. This can
be understood from the fact that, in the high-flux limit, the base
density scales roughly as F1/2

UVvesc � (Murray-Clay et al. 2009).
The snapshot shown in the right panel of Fig. 7 highlights

a few interesting dynamical features of cometary-type tails. The
plasma that trails the planet has a velocity comparable to the
orbital speed, whereas the component of the stellar wind along
the orbit is negligible at that location. This results in the devel-
opment of strong shear, which may trigger a Kelvin-Helmholtz
instability. Furthermore, the stellar plasma that pushes the tail
outward is of lower density than the trailing stream, which can
induce a Rayleigh-Taylor instability. In this particular simula-
tion, their e�ect on the tail structure remains comparatively mild,
likely on account of the relatively high density of the trailing
stream. We have, however, found that the induced distortions can
be more persistent in other cases.

When the UV flux remains low but the escape speed is high,
the planetary outflow weakens and the density in the tail be-
comes measurably lower than in the models considered so far.
This result follows directly from the inferred scaling of the mass
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Figure 2. Cut at orbital plane of each of our models. Each row shows a di�erent magnetic field strength of the planet, while each column shows the total density,
neutral density, temperature and line of sight velocity respectively. The star is located at negative x, while the planet is marked by a circle centred on the origin.
The grey streamlines in the left column trace the flow of material in each model (see figure 3 for stream-tracers of magnetic field). The white contour in the left
column shows the position of the magnetosonic surface. The white line in the left middle panel is the line on which we examine di�erent pressures in figure 5.
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Figure 2. Cut at orbital plane of each of our models. Each row shows a di�erent magnetic field strength of the planet, while each column shows the total density,
neutral density, temperature and line of sight velocity respectively. The star is located at negative x, while the planet is marked by a circle centred on the origin.
The grey streamlines in the left column trace the flow of material in each model (see figure 3 for stream-tracers of magnetic field). The white contour in the left
column shows the position of the magnetosonic surface. The white line in the left middle panel is the line on which we examine di�erent pressures in figure 5.
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Fig. 5. Initial conditions in the lab frame for model FVRB. The axes are
in units of 0.01 AU. Logarithmic density contours (in units of g cm�3)
are shown in the x-y plane (z = 0; left panel) and in the x-z plane (y = 0;
right panels). The top right panel is focused on the star and the bottom
right on the planet. Solid lines represent the magnetic field, arrows show
the velocity field (with the longest one corresponding to ⇠290 km s�1),
dashed lines the poloidal Alfvén surface (v2x + v2z = (B2

x + B2
z )/4⇡⇢), and

dotted lines the poloidal sonic surface (v2x + v2z = �P/⇢). The cross in the
bottom right panel denotes the location of the L1 point.

are located (left and top right panels). A close-up of the region
near the planet is shown in the bottom right panel. We note that
both the stellar and the planetary winds are super-Alfvénic and
supersonic at the initial interface between them (a sphere of ra-
dius 10R�, centered on the planet).

At the beginning of the simulation, the plasma escaping from
the surface of each object forces the magnetosphere to open. In
general, depending on the strength of the magnetic field and the
physical conditions at the base of the wind, this might happen
over the entire surface (for a weaker field and/or a stronger out-
flow) or just at the polar regions (for a stronger field and/or
a weaker outflow). For the adopted value of the stellar sur-
face magnetic field (B⇤ = 2 G), the star forms a dead zone for
⇡/4 . ✓ . 3⇡/4. In this region, the hot plasma cannot overcome
the opposing forces of stellar gravity and magnetic tension, both
of which are almost perpendicular to the flow. The behavior of
the planetary magnetosphere will be discussed on a case by case
basis: its structure depends both on B� and the planetary wind
properties and on its environment.

3.3. Models exhibiting a planetary tail

Figure 6 shows the final steady state of model fvRb. This case
corresponds to a low UV flux, and the planetary outflow is weak
and cannot overcome the ram pressure of the stellar wind (pro-
jected along the orbit). The stellar wind is stopped by the mag-
netic pressure of the planet’s closed field lines (which exceeds
the thermal pressure above the planet’s surface), terminating in a
bow shock that stands o↵ a few planetary radii from the planet’s
surface. The magnetosphere is dragged backward by the stellar
wind, forming a cometary-type tail. This process is akin to the
formation of the geomagnetic tail in the interaction of the so-
lar wind with Earth’s magnetosphere (e.g., Ness 1965). The tail
does not follow the trajectory of the planet since it is continu-
ously pushed away radially by the stellar wind, resulting in a
tilted structure.

Figure 7 illustrates how the structure of the tail is modified
when the model parameters are changed. The left panel shows
the results for model fvRB, which has the same parameters as
model fvRb (Fig. 6) except that the planetary magnetic field is a

Fig. 6. Logarthimic density (color contours in units of g cm�3), veloc-
ity (arrows), magnetic field (solid lines), critical surfaces (dotted line:
sonic, dashed line: Alfvén), and the L1 point (cross) for the final steady
state of model fvRb. Distances are measured in units of 0.01 AU. The
panels are arranged as in Fig. 5, with the left and top right panels cen-
tered on the star, and the bottom right one on the planet.

Fig. 7. Same as the left panel of Fig. 6, but for models fvRB (left) and
FVRb (right).

factor of 10 stronger, corresponding to an increase by a factor
of 100 in the magnetic pressure at a given distance from the
planet. As expected, this results in the bow shock being located
farther away from the planetary surface, which, in turn, gives
rise to a wider tail. The right panel presents the final state for
model FVRb, which corresponds to a higher UV flux (which pro-
motes an outflow) but also a larger escape speed (which hinders
a wind). Overall, its behavior is very similar to that of model
fvRb, although the tail in this case is noticeably denser. This can
be understood from the fact that, in the high-flux limit, the base
density scales roughly as F1/2

UVvesc � (Murray-Clay et al. 2009).
The snapshot shown in the right panel of Fig. 7 highlights

a few interesting dynamical features of cometary-type tails. The
plasma that trails the planet has a velocity comparable to the
orbital speed, whereas the component of the stellar wind along
the orbit is negligible at that location. This results in the devel-
opment of strong shear, which may trigger a Kelvin-Helmholtz
instability. Furthermore, the stellar plasma that pushes the tail
outward is of lower density than the trailing stream, which can
induce a Rayleigh-Taylor instability. In this particular simula-
tion, their e↵ect on the tail structure remains comparatively mild,
likely on account of the relatively high density of the trailing
stream. We have, however, found that the induced distortions can
be more persistent in other cases.

When the UV flux remains low but the escape speed is high,
the planetary outflow weakens and the density in the tail be-
comes measurably lower than in the models considered so far.
This result follows directly from the inferred scaling of the mass
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Figure 2. The contour of magnetic field and plasma flow speed in meridian (XZ) plane and equatorial
(XY ) planes for solar maximum case. The color plots show the magnitudes; the white arrows show the
direction of the magnetic field (left panels) and plasma flow (right panels) projected in the corresponding
planes. The black dashed line is the average bow shock location at solar maximum condition from Zhang
et al. [1990].

Figure 3. Three-dimensional plot of solar wind interaction with Venus for solar max case, with the left
panel showing an upstream view, while the right panel a downstream view. The white lines with arrows
are magnetic field lines. The gray isosurface represents a density contour with planetary O+ density equals
to 100 cm–3 as an indication of Venus ionopause.
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are present inside the ICB. The ICB along the subsolar line
is at 400 km for the solar max and 320 km for the solar
min model.

4. Comparison With VEX Results-A Case Study

[27] We also compare our model results with VEX observa-
tions for a single orbit on 1 June 2006. A detailed description
of the orbit can be found in Kallio et al. [2008]. The orbital
parameters of the spacecraft are also shown in Figure 7. The
vertical black dash line corresponding to 1:41 UT marks the
time of the closest approach when the S/C was 125 km above
the surface near the north pole. We run our model using the set
of upstream parameters based on the observations, as listed in
Table 2 for case 3. Such a set of parameters corresponds to a
solar wind dynamic pressure of 3.7 nPa. The plasma beta is
2.6 and the fast magnetosonic Mach number is 6.3.
[28] The comparison of the model results with the magne-

tometer observations is shown in Figure 8. The black lines
show the measurement of BX, BY, BZ, and B as a function
of time. The blue lines are model results along the same tra-
jectory. The model results show a sharp increase of BX and B
across the inbound shock around 1:23 UT, which agree well
with the observations. Both observed and modeled BX and B
gradually increase after the shock in the sheath region and
piles up across the MPB (magnetic pile-up boundary).
Around 1:55 UT, the observed BX suddenly changed from
the positive to negative direction, indicating that the space-
craft crossed the current sheet from the north lobe to the
south lobe. Both the reversal of the direction and the location
of the current sheet are well reproduced by the model.
Around 2:50 UT, the spacecraft crossed the outbound shock
and went back into the solar wind. The BX component and
magnetic field strength are well reproduced along the whole
trajectory except between 1:37 UT and 1:41 UT near the
pericenter, when the model predicts that the magnetic field
BX component and B drops to almost zero, while the obser-
vation show that magnetic field BX component and B remain
quite high. The discrepancy happens at an altitude below
200 km near the north polar region. This field could be an in-
duced field, which diffuses into the lower altitude over a

long period of time. Both the BY and BZ components agree
well with the observations. Overall, the location of the in-
bound shock, the peak of the magnetic field and the location
of the current sheet and outbound shock are all reproduced
by the MHD model.
[29] Figure 9 shows plasma parameters along the trajec-

tory as predicted by the MHD model. The top panel shows
the densities of protons (H+) in blue, oxygen (O+) in red
and electrons (Ne) in black as functions of time. Across
the inbound shock, the proton density increases from
12 cm–3 to 39 cm–3, 3.25 times the solar wind density. The
MHD model predicts that the O+ density is dominant be-
tween 1:35 UT and 2:01 UT. Those two locations are the
ICB (Ion composition boundaries) where the ions become
dominated by planetary ions instead of solar wind protons.
The electron number density first peaks at 1:37 UT with a
value of 1.1!104 cm–3 where the S/C is about 200 km alti-
tude above the surface. At that time, the plasma is composed
of more than 90% of O+ ions and 10% of O2

+. The electron
number density gradually decreases after the peak due to
the increase of the SZA even though the spacecraft was get-
ting closer to the planet. After periapsis, the electron number
density drops more sharply because of the increase of the
SZA and the spacecraft was moving away from the planet.
The plasma density peaks again at 1:55 UT with a much

Figure 7. Orbit of VEX on 1 June 2006: (a) X, Y, Z posi-
tion of the spacecraft in Venus Sun Orbital coordinate;
(b) altitude and cos(SZA) as functions of time.

Figure 8. Comparison of MHD model results with the
magnetometer observations along the trajectory.
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Effect of stellar wind magnetic fields 4333

Table 1. Input parameters of the simulations. The stellar wind parameters,
denoted by the index w, correspond to the values at the planetary orbit of
0.047 au. Case 1 corresponds to a slow and Case 2 to a fast stellar wind
with the inclination angle between the IMF and plasma velocity directions
in the undisturbed stellar wind of θB = 90◦. Case 3 corresponds to the slow
wind, but assumes a θB = 45◦. Cases 4 and 5 correspond to the stellar wind
parameters obtained by KIS14, where the former neglects Bw and the latter
assumes Bw = 0.014 G.

Stellar Case 1 Case 2 Case3 Case 4 Case 5
wind

Nw(cm−3) 4045 1371 4045 5000 5000
Vw(km s−1) 236 532 236 400 400
Tw (106 K) 1.3 2.9 1.3 1.1 1.1
Bw (G) 0.014 0.014 0.014 0.0 0.014
θB (◦) 90 90 45 – 90

Planetary
parameters
Mp (MJup) 0.714
Rp (RJup) 1.380
Teq (K) 1459
P0 (bar) 0.1
a (au) 0.047

Stellar
parameters
Mstar (M#) 1.148
Rstar (R#) 1.162
IEUV (erg s−1 cm−2) 1086

Note. The parameters Mp and Rp are the planetary mass and radius, respec-
tively, while Mstar and Rstar are those of the host star, and a is the orbital
semimajor axis.

Figure 1. Cut at Y = 0 of the simulation showing the distribution of the
magnetic field strength around HD 209458b normalized to the IMF of
0.014 G for a slow stellar wind (Case 1). The white area close to the origin
of the Z-axis indicates the atmospheric region around the planet, while the
half-circle indicates the planetary optical radius. The star is located along
the X-axis. The arrow shows the direction of the IMF.

0.014 G. The origin of the coordinate system is at planet centre
and the star is located along the X-axis, while the Z-axis is directed
along the direction of Bw (the arrow in Fig. 1), which is assumed to
be perpendicular to the undisturbed wind velocity (in the reference
frame of the planet). The white area close to the origin of the Z-axis
indicates a region filled just by atmospheric particles, while the dark
blue semicircle indicates the planetary surface. The magnetic field
has strong pile-up in front of the stagnation point. In this region of

Figure 2. Same as Fig. 1, but for an IMF inclined by 45◦ (Case 3).

Figure 3. Radial profiles along the line connecting the planetary centre and
the stagnation point for the total pressure (sum of the magnetic and thermal
pressures) at six different calculation times.

strong induced magnetic field, the magnetic pressure exceeds the
local thermal gas pressure of the stellar wind loaded by the out-
flowing atmospheric atoms. To estimate the influence of the IMF
rotation angle, we consider in Case 3 an inclination angle of θB =
45◦ between the IMF and plasma velocity directions in the undis-
turbed stellar wind. The calculated distribution of the magnetic field
intensity is shown in Fig. 2. One can see that the inclination angle
of the magnetic field leads to an asymmetry of the flow structure
and of the magnetopause position with respect to the planet. The
maximum of the total pressure is also shifted away from the X-axis.

By solving the non-steady MHD equations, a stationary flow pat-
tern is formed after some relaxation period. Initially, we assume
that the uniform stellar wind flow is suddenly stopped at the plan-
etary obstacle. This results in the appearance of a shock-like front
close to the obstacle and which propagates outwards from it. Since
we have a sub-Alfvénic stellar wind flow, this shock propagates
far away towards the star. The time-dependent propagation of the
shock is indicated in Fig. 3, which shows the behaviour of the total
pressure along the line connecting the planetary centre and the stag-
nation point (hereafter stagnation line) at different calculation times.
We reach a stationary profile after a time corresponding to about
4 × Rp/Vw.

Fig. 4 shows the magnetic field strength, the total stellar wind
pressure (sum of magnetic and thermal pressures) and the thermal
stellar wind pressure as a function of the radial distance along the
stagnation line for the stellar wind parameters of Case 1 (solid line)
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moves outward as the planet gets farther from the star, up to
about 350 km for the Mercury and Venus cases. This difference
is probably due to the fact that the stellar wind in the sub-
Alfvénic cases is much less dense than the super-Alfvénic one.
Therefore, the compression region of the incoming stellar wind
field, as well as the ability of the field to diffuse toward the
atmosphere (as the result of increased ion/electron density and
their effect on the conductance and collision frequencies), are
more sensitive to the oxygen outflow in the sub-Alfvénic case
than in the super-Alfvenic case.

To demonstrate the strong effect of the increased EUV
radiation, Figure 6 shows the difference in the radial speed as a
function of altitude for the case located at 0.06 AU with and

without scaling of the EUV radiation with distance. The plot
clearly shows that the enhanced radiation increases the
production of atmospheric ion flux, which stops the stellar
wind about 200 km higher than the case without increase EUV
flux. This increased ion flux also results in an enhanced
compression of the magnetic field, even though it does not
seem to affect the point at which the magnetic field starts to
decrease.

4.3. Atmospheric Ion Escape

The model used here separates the densities of the different
ions in the continuity equation but it does not distinguish
between the different ion velocities and uses a single-fluid

Figure 2. The plasma flow pattern for all the cases. Each pair of panels shows the meridional (X–Z) plane and the equatorial (X–Y) plane. The star is on the right.
Color contours show the plasma velocity magnitude and the black lines show streamlines. The solid white line represents the contour for =M 1a .
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• Structures are dependent on the
PROPERTIES OF THE PLANET

• The STELLAR WIND modifies and
shapes the extension of these
structures

• The MAGNETIC FIELD leads to
the formation of different
structures

Induced 
Magetospheres

Interaction of SW and unmagnetized/thin ionosphere planets

Introduction
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As stellar winds are an extension of the global stellar corona into the interplanetary space, they are expected to be denser, hotter, 
faster and more magnetized compared to the Gyr-old stars. 

Centrifugal force Magnetic field in the SW base

Young Sun-like stars have faster rotation velocities, a higher magnetic/coronal activity as well as significantly higher mass 
loss rates. 

Thermal pressure gradient

Stellar gravity
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Fig. 10.— Mass-loss rate per unit surface area plotted versus X-ray surface flux for coronal winds,

with the stars identified by the ID numbers from Table 3. Dotted lines connect members of binary

systems, with the assumed distribution of wind from Table 3. Most of the constraints are from

the astrospheric Lyman-α absorption diagnostic, but we have added slingshot prominence wind

measurements from Jardine & Collier Cameron (2019). The M dwarf with the error bar is an

Ṁ constraint from Lyman-α absorption seen during an exoplanet transit for GJ 436 (Vidotto

& Bourrier 2017). A power law of Ṁ ∝ F 0.77±0.04
X is fitted to the data points, excluding the

subgiant/giant stars.

measurement potentially is, representing the highest Ṁ per unit surface area yet detected via the

astrospheric Lyman-α absorption diagnostic. Nevertheless, in our discussion of the ramifications of

our new Ṁ measurements in the next section, the high YZ CMi Ṁ measurement will be assumed

valid.

5. Implications of the M Dwarf Wind Measurements

5.1. Relating Ṁ and Coronal Activity

With the new M dwarf Ṁ measurements provided here, we can try to characterize the winds

of M dwarfs for the first time. This is most naturally done in a plot like Figure 10, showing mass

loss rate per unit surface area plotted versus X-ray surface flux. This is done not only for the M

Wood et al. (2018)

Detection of Stellar Winds in the Lyman-alpha line: Mass loss rates
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The heating of plasma in the chromosphere, the transition region and the corona due to magnetic energy dissipation leads to 
some footprints of this activity in the UV and X ray spectrum of the star. 

X-ray and EUV 
from the corona

EUV and FUV from 
chromosphere and TR

case, the resulting data can be directly flux-calibrated during
reduction, and thus, no emissionmodel has to be assumed before-
hand. Data reduction of the EUVE spectra was carried out fol-
lowing the same procedure as in Güdel et al. (1997a). The only
detail worth mentioning here is the correction of the H i column
density, for which we assumed the values listed in Table 1. An il-
lustration of the EUV fluxes for the observed targets is presented
in Figure 2. The spectra of !1 UMa and"1 Ori, which correspond
to the same stellar age, were averaged together. Note that most of
the output stellar flux is associated with emission lines of highly
ionized element transitions.

3.3. FUV: FUSE

To obtain irradiances in the FUV we carried out observations
with FUSE using its large aperture (Moos et al. 2000). For a
detailed description of the data sets used and the reduction pro-
cedure the reader is referred to Guinan et al. (2003), and thus,
we skip that discussion here. The reductions in Guinan et al.
also included the correction of ISM absorption in the emission
features whenever necessary. To illustrate the irradiance dif-
ferences among the observed targets, we show a detail of FUSE
spectra in Figure 3. The complete FUSE spectra are not shown
for the sake of clarity (see Guinan et al. 2003 for the identifi-
cation of the strongest features), and the region illustrated is a
wavelength window around two strong O vi emission lines.
Again, a steep flux decrease with increasing age is evident.

3.4. UV: IUE and HST

UV spectroscopic observations of two of the stars in Table 1
("1 Ori and #1 Cet) were obtained with HST within program
8280. Thanks to the small aperture and the large spectral res-
olution used (STIS E140M echelle grating and 0B2 ; 0B2 aper-
ture), these observations are ideally suited to study the strong
H i Ly$ emission line, besides other emission lines in the UV.
The estimation of the integrated flux of the H i Ly$ line requires
careful correction for interstellar H i and D i absorption, which
is significant even for the low column densities of our targets.

Full details on this procedure and the data sets used can be
found inWood et al. (2004). A comparison of the H i Ly$ emis-
sion features (with both the observed and rectified line profiles)
for the two targets observed is shown in Figure 4.
The UV irradiances of the target stars up to 1700 8 were

completed with the IUE short-wavelength camera (SWP) low-
dispersion observations (e.g., Kondo et al. 1989). Flux-calibrated
data files are available from the MAST archive following the
NEWSIPS calibration pipeline (Nichols & Linsky 1996). How-
ever, further correction to the fluxes was applied in accordance
with the investigation of Massa & Fitzpatrick (2000). The bulk of
the flux in the UV region shortward of 1700 8 is in the form of
emission lines, with a negligibly small photospheric continuum
contribution. The comparison in Figure 5 depicts IUE spectra of
the observed stars, in which the decrease of emission-line fluxes
with age is apparent. The strongest features in the IUE range are
labeled in Figure 5 and correspond to O i k1304 (triplet), C ii
k1335 (triplet),7 Si iv k1400 (doublet), C iv k1550 (doublet), He ii
k1640 (multiplet), and C i k1657 (multiplet). As mentioned above
an important issue for some of the emission lines is the correc-
tion of ISM absorption. Given the low electron density in the ISM
(e.g., Spitzer & Fitzpatrick 1993; Wood & Linsky 1997), only
transitions involving ground levels are expected to experience no-
ticeable ISM absorption. All the emission features listed above
except He ii k1640 have at least one ground-level transition com-
ponent. For lines of Si iv, C iv, and C i, the very low abundance of

Fig. 2.—EUV irradiances (flux density at 1 AU vs. wavelength), covering
different stages of the evolution of solar-type stars. Some relevant features are
identified. The spectra have been zero point–shifted using integer multiples of
10 ergs s!1 cm!2 8!1 to avoid confusion. Note the decrease in emission-line
strength from top to bottom (i.e., increasing age and rotation period). [See the
electronic edition of the Journal for a color version of this figure.]

Fig. 3.—Details of the FUV irradiances for different stages of the evolution
of solar-type stars in the region around the O vi kk1032, 1038 doublet. The spec-
tra have been zero point–shifted using integer multiples of 1 ergs s!1 cm!2 8!1

to avoid confusion. Note the obvious trend of decreasing flux with increasing
stellar age. [See the electronic edition of the Journal for a color version of this
figure.]

7 One of the components is very weak and separated by only 0.04 8 from a
strong component.
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these species in the ISM (largely dominated by C ii and Si ii; see
Wood et al. 2002b) implies negligible absorption along the lines of
sight of our targets, rendering any correction unnecessary. For the
triplets O i k1304 and C ii k1335, one of the components has a
ground-state transition that is prone to ISM absorption, which we
corrected as explained below.

To complement the IUE UV data, we used the HST echelle
spectra described above for !1 Ori and "1 Cet, which cover a
wavelength interval from 1150 to 1700 8. These higher reso-
lution data served the double purpose of cross-checking the
integrated fluxes and carrying out a direct correction for ISM
absorption. Inspection of the line profiles indicate that ISM ab-
sorption is present in the O i k1302.17 and C ii k1334.53 com-
ponents. These account for about 30% and 40% of the total
flux of the O i and C ii triplets, respectively. We carried out a
reconstruction of the line profiles, assuming a Gaussian func-
tional form with a superposed absorption (a total of six free
parameters). For "1 Cet, the difference in radial velocity be-
tween the star and the ISM components is only!5 km s"1, thus
implying significant absorption. In this case, the corrections to
the total O i k1304 and C ii k1335 fluxes were 14% and 20%,
respectively. The resulting profile reconstruction parameters
were found to agree very well with the ISM properties in the
"1 Cet line of sight (Wood et al. 2004). For !1 Ori, the radial
velocity difference between the star and the absorbing ISM is
!36 km s"1, whichmakes the flux correction negligible (<2%).
Approximate corrections for the rest of the stars were computed
from the results for !1 Ori and "1 Cet and the properties of the
ISM-absorbing components in Wood et al. (2004) by using the
line-of-sight proxies discussed in x 2. The resulting corrections
to the total O i k1304 and C ii k1335 fluxes were in the range
2%–17%.

3.5. Solar Irradiance

Finally, we describe the mean solar irradiance spectrum used
in our comparisons. As a consequence of an increasing number
of sounding rocket experiments and space missions, knowledge

of the Sun’s high-energy emissions has improved consider-
ably in recent times. In our investigation we used the detailed
irradiances constructed by Woods et al. (1998 and references
therein) from measurements made by sounding rockets and the
UARS SOLSTICE mission. The data products available8 in-
clude low-resolution (10 8) spectra and line-integrated fluxes
for 1992, 1993, and 1994 and a high-resolution (1 8) spectrum
for 1994. All these years correspond to solar cycle 22, with 1992
and 1993 representing moderate solar activity levels and 1994
representing the quiet Sun. We used data from 1993, which
corresponds to midcycle, as representative of the Sun at the
‘‘average’’ activity level. The rocket and UARS SOLSTICE
observations cover a wavelength interval from 20 to 2000 8.
Because of the relatively low resolution of the observations
(!28), we used the higher resolution solar data from the SMM
UVSP atlas9 and the high-resolution spectrum of # Cen A of
Pagano et al. (2004) to check for possible contamination by
blends in the interval k >1300 8. Complementary soft X-ray
irradiance measurements from the SNOE experiment (Bailey
et al. 2000) were also used in the interval 20–2008. To complete
the necessary short-wavelength data (hard X-rays), we used the
inferred solar flux in the ASCA wavelength interval (1–20 8)
by Güdel et al. (1997b). The resulting energy distribution is in
generally good agreement with the measurements made by the
GOES 10 and 12 satellites in the narrower 1–8 8 range.

4. MEASUREMENT AND ESTIMATION
OF IRRADIANCES

One of the ultimate goals of the Sun in Time project is to
produce a set of data products describing the high-energy ir-
radiance evolution of the Sun and solar-type stars across the
main sequence. These fluxes can then be used as input to model
solar system planet and exoplanet atmospheres and study their

Fig. 5.—UV irradiances of solar-type stars at different stages of evolution.
Some relevant features are identified. The emission-line strength is found to de-
crease from top to bottom (i.e., increasing age and rotation period). The spec-
tra have been zero point–shifted using integer multiples of 0.2 ergs s"1 cm"2

8"1 to avoid confusion. When compared with the EUVE and FUSE spectra, the
emission lines seem broader here because of the lower spectral resolution of
the observations. Note the onset of some weak photospheric (continuum) flux
above 1500 8. [See the electronic edition of the Journal for a color version of
this figure.]

Fig. 4.—Detail of the H i Ly# line of two solar-type stars of different ages.
The thin lines show the observed profiles from HST spectra, whereas the thick
lines depict the reconstructed line profiles after correction for H i and D i ISM
absorption. Irradiances are obtained by integrating the absorption-corrected
profiles. The top spectrum has been shifted by 40 ergs s"1 cm"2 8"1 to avoid
confusion. [See the electronic edition of the Journal for a color version of this
figure.]

8 See http:// lasp.colorado.edu /rocket /rocket_results.html.
9 See ftp://umbra.nascom.nasa.gov/pub/uv_atlases.
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Importance of UV tracers
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The heating of plasma in the chromosphere, the transition region and the corona due to magnetic energy dissipation leads to 
some footprints of this activity in the UV and X ray spectrum of the star. 

X-ray and EUV 
from the corona

EUV and FUV from 
chromosphere and TR

T

Gómez de Castro (2002)

C IV Profiles of AB Dor



Importance of UV tracers
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has larger scatter than those for Si IV and N V; the higher
ionization relationships should be used when possible.

Based on the above analysis, we determine that (1) the EUV
fluxes follow a power-law relationship with the FUV transition
region activity indices over a wide range of spectral types
and rotation periods and (2) with an estimate of the star’s
bolometric luminosity and a measurement of one of the higher
temperature FUV emission lines, the stellar EUV flux in the
90–360Å band can be estimated to roughly a factor of two.
Using the above relationship for N V, we calculated the
90–360Å flux for all stars in the survey and these are presented
in Tables 3 and 4. The computed EUV fluxes are plotted as a
function of stellar rotation period in Figure 6. The largest
uncertainties on calculated F(90–360Å) come from the
uncertainties on the linear fit parameters, which correspond to
approximately a factor of 2.3 uncertainty on F(90–360Å) when
using the N V–EUV relations.

A rough estimate of the total EUV irradiance can be
computed for the quiet Sun(Woods et al. 2009) and an inactive
M dwarf (GJ 832) using the model spectra of Fontenla et al.
(2016). Få(90–911Å)=F(90–360Å) + F(360–911Å). For
the quiet Sun,

=
+ ´

( – Å) ( – Å)
[ ( – Å)] ( )

F F

F

90 911 90 360

0.57 90 360 . 5
G2V

For a quiescent M1V star,

=
+ ´

( – Å) ( – Å)
[ ( – Å)] ( )

F F

F

90 911 90 360

1.12 90 360 , 6
M1V

where F(90–360Å) is the computed EUV flux described
above. We note that because the Si IV and N V formation
temperatures are an order of magnitude (or more) less than the
typical coronal temperature of these stars, we do not suggest
extending these relations to the X-ray wavelengths (5–100Å).
We refer the reader to Poppenhaeger et al. (2010), Sanz-
Forcada et al. (2011), and Loyd et al. (2016) for a discussion
about the X-ray properties of planet-hosting stars of various
spectral types.
These results argue that the EUV evolution from younger to

older stars (shorter to longer rotation periods) is similar to that
from the chromospheric/transition region emission. X-ray
+EUV evolution studies for solar-type stars(Ribas et al.
2005) find a comparable decrease (∼ 10–20 in the 20–360Å
band) for solar type stars from ∼0.6 Gyr to ∼4 Gyr. The
two results suggest a common picture where the overall XUV
+ FUV (5–1800Å) flux decreases by one to two orders of
magnitude as the stars age from ∼0.5 to 5Gyr. This result
is consistent with the relative FUV flux decline in the GALEX
sample of early M dwarfs presented by Schneider &
Shkolnik (2018).
What are the potential impacts of this flux evolution on

orbiting planets? For terrestrial atmospheres, increasing the
EUV flux to levels estimated for the young Sun (∼1 Gyr;
Ayres 1997) can increase the temperature of the thermosphere
by a factor of 10 (Tian et al. 2008), potentially causing
significant and rapid atmospheric mass-loss. The issue of
increased EUV irradiance and the atmospheric stability of
rocky planets (see, e.g., Lammer et al. 2018) is even greater for
M dwarfs, where the EUV irradiance levels of even field-age
stars (ages∼ 2–6 Gyr) are predicted to drive runaway oxidation
as many Earth oceans worth of hydrogen are lost (e.g., Ribas
et al. 2016; Wheatley et al. 2017). Our results provide an
estimate of the enhancement level of the total EUV + FUV
radiation environment around F through M stars, anchored by
direct observations.

Figure 5. Correlations between the N V (top) and Si IV (bottom) activity index
and the fractional 90–360Å flux (from archival EUVE observations). The
EUVE fluxes have been corrected for interstellar H I opacity. The Spearman
rank coefficient (ρ), the p-value, and the rms scatter about the best-fit line are
shown in the legend. The tight correlation argues that broadband EUV fluxes
in this region can be estimated to within a factor of ∼2 from the FUV
activity index.

Figure 6. Converting the N V UV activity index to the relative EUV flux
in the 90–360Å band (Equation (4)), we calculate the ISM-corrected
F(90–360 Å)/Fbolom flux ratio for all stars in our sample with N V
measurements. EUV error estimates are propagated from the uncertainty on
the best-fit parameters to Equation (4). One observes a ∼two-order-of-
magnitude decline in the EUV emission strength as cool stars move from the
saturated activity regime at rotation periods Prot3.5 days to the presumably
older population at Prot20 days.
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Figure 12. Normalized fluxes are represented vs. the stellar luminosities for C ii, C iv, and O i (bottom) in the left, center, and right panels, respectively. TTSs and
MSCSs are plotted with triangles and circles, respectively. Error bars for the UV normalized fluxes of the TTSs are indicated.

Table 5
Summary of Fittingsa

Variables Fit rms 〈f̂l〉/〈f̂l〉FPTau

C iv excess vs. Lac log f̂s (C iv) = (0.6 ± 0.2) log Lac + 2.5 ± 0.2 0.29 316
C ii excess vs. Lac log f̂s (C ii) = (0.6 ± 0.3) log Lac + 2.2 ± 0.3 0.41 158
O i excess vs. Lac log f̂s (O i) = (0.7 ± 0.3) log Lac + 3.0 ± 0.5 0.47 1000
F(C iv) vs. Lac log F(C iv) = (1.11 ± 0.15) log Lac − 11.0 ± 0.2 0.41
F(C ii) vs. Lac log F(C ii) = (1.11 ± 0.13) log Lac − 11.4 ± 0.2 0.38
F(O i) vs. Lac log F(O i) = (1.3 ± 0.2) log Lac − 11.1 ± 0.3 0.57

Note. a fs (l) is the normalized flux excess of a given spectral tracer “l,” i.e., log((F (l)/Fbol)∗/(F (l)/Fbol)FPTau).
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Strong Winds: Numerical Simulation

8

Interaction of rocky planets and strong winds from active stars
MODELS INCLUDING STRONG WINDS

• Not considering the magnetic field of the central star: 
hydrodynamic interaction

• High plasma beta winds

Results: Bow Shock formation

EGU General Assembly. Vienna 2019
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OUR NEW MODEL (IN PREP.)

• Planet without extended atmosphere. Thin 
ionosphere.

• Unmagnetized
• Analytical solution of fast rotator winds: AB Dor case
• Supermagnetosonic MAGNETIZED winds
• Low beta winds

Canet & Gómez de Castro (2021)

Strong magnetized winds (𝛽>1)



AB Doradus: A Fast-Rotating Star
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üYoung (50  - 100 Myr) late type (K0V) star

ü d = 15.3 pc

üR = 0.86 R⨀, M = 0.76 ⨀
üFast rotation: Prot,★ = 0.5 days

üStrong signs of magnetic activity (surface 
magnetic fields  >= 500 G, starspots)

ü 77% of the XUV flux corresponds to the X-ray band

üX- ray luminosities that are over two orders of 
magnitude larger than those observed on the Sun 

Why AB Doradus?

Magnetic field maps from Doppler-Zeeman Imaging: Adapted from Cohen et 
al. 2010

500 G

-500 G



The Wind of AB Dor
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• Fast Magnetic rotators: Stellar winds are accelerated due to magneto-centrifugal forces 

• Weber & Davis (1976): Solution of  MHD 
conservation equations for fast magnetic rotators

An analytical approach

v M ★, R ★
v Prot,★ = 0.5 days

v Br0★ [2-50] G  (according to ZDI maps of AB Dor)

v 𝑀̇★ [1x10-13 - 1x10-11] M⨀ yr-1 (rotation-mass loss
relations for solar-like stars)

v Twind ~ 7 MK (FX flux – coronal temperature 
relations). FIXED.

Model Inputs



Numerical Simulation
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• 2.5D. Cartesian coordinates

• Wind is injected from the left side of the domain:
orientation of the MF is took into account

• Corotating frame of reference

• Planet is defined as an internal boundary: Earth-sized
planet

• Reflecting conditions for the normal components of the
magnetic field and velocity

• No planetary wind is considered

• AMR: 5 levels of refinement. High resolution in the vicinity (5
Rp) of the planet and pressure gradients (shock)



Results
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𝛽 = 0.2
B𝜙 = 0.05G

𝛽 = 0.3
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𝛽 = 0.4
B𝜙 = 0.01G

𝛽 = 3
B𝜙 = 0.03G
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B𝜙 = 0.02G
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B𝜙 = 0.005G

𝛽 = 1
B𝜙 = 0.002G           

HD case

BS extension                 
rho/rhosw

Ram pressure/Mag pressure Ratio

Figure2.Thecontourofmagneticfieldandplasmaflowspeedinmeridian(XZ)planeandequatorial
(XY)planesforsolarmaximumcase.Thecolorplotsshowthemagnitudes;thewhitearrowsshowthe
directionofthemagneticfield(leftpanels)andplasmaflow(rightpanels)projectedinthecorresponding
planes.TheblackdashedlineistheaveragebowshocklocationatsolarmaximumconditionfromZhang
etal.[1990].

Figure3.Three-dimensionalplotofsolarwindinteractionwithVenusforsolarmaxcase,withtheleft
panelshowinganupstreamview,whiletherightpaneladownstreamview.Thewhitelineswitharrows
aremagneticfieldlines.ThegrayisosurfacerepresentsadensitycontourwithplanetaryO

+
densityequals

to100cm
–3

asanindicationofVenusionopause.

MAETAL.:MHDSTUDYOFPLASMAINTERACTIONAROUNDVENUS
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Venus
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t = 7500s
BS = 150 Rp
rho/rhosw =1.05 

t = 5000s
BS = 100 Rp
rho/rhosw =1.1 

t = 0s
BS = 20 Rp
rho/rhosw =1.3 

t = 2500s
BS = 55 Rp
rho/rhosw =1.15 
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The low-plasma 𝛽 case 𝛽 = 0.1
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Ram Pres.
Thermal Pres.
Magnetic Pres.

Ram Pressure

𝛽 = 3 𝛽 = 1.0 𝛽 = 0.2

PRESSURE BALANCE
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𝛽 = 0.2𝛽 = 0.3𝛽 = 0.4

𝛽 = 1𝛽 = 3𝛽 = 35𝛽 = 75

𝛽 = 0.1

B𝜙/B𝜙,sw

INDUCED MAGNETOSPHERES



To Summarize
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• We studied the interaction between unmagnetized planets and strong stellar winds

• High resolution UV spectroscopy result in a useful tool to identify magnetically active young stars

. Low beta winds are considered in this study: strong influence of the interplanetary magnetic field

• Large density structures are formed around the planet for low plasma beta winds

• These structures could reach more than 200 planetary radii

• The ratio between the density inside and outside the shock decreases with the plasma beta parameter

• MHD simulations indicate that a strong magnetic field piles up in front of the planetary obstacle 

• As a result, induced magnetospheres are formed around the planet in all cases.


